Young stars accrete mass from circumstellar disks and in many cases, the accretion coincides with a phase of massive outflows, which can be highly collimated. Those jets emit predominantly in the optical and IR wavelength range. However, in several cases X-ray and UV observations reveal a weak but highly energetic component in those jets. X-rays are observed both from stationary regions close to the star and from knots in the jet several hundred AU from the star. In this article we show semi-analytically that a fast stellar wind which is recollimated by the pressure from a slower, more massive disk wind can have the right properties to power stationary X-ray emission. The size of the shocked regions is compatible with observational constraints. Our calculations support a wind-wind interaction scenario for the high energy emission near the base of YSO jets. For the specific case of DG Tau, a stellar wind with a mass loss rate of 5 · 10 −10 M ⊙ yr −1 and a wind speed of 800 km s
INTRODUCTION
In many areas of astrophysics compact central objects accrete mass and angular momentum from a disk and at the same time they eject a highly collimated jet. This is seen for central objects as massive as AGN or as light as (proto) brown dwarfs. Jets from AGN or accreting neutron stars reach relativistic velocities while the material in jets from young stellar objects (YSOs) is significantly slower. A large number of jets is observed in nearby star forming regions, where the jet composition and structure can be studied in great detail (see the review by Frank et al. 2014) . Jet launching starts in the early stages of star formation and continues until the accretion from the circumstellar disk cedes. Jets from very young stars are the most powerful and can sometimes be traced up to several parsec from the source. In these systems, the central engine is still deeply embedded in a dense envelope of gas and dust and thus cannot be observed directly. As YSOs evolve, the envelope becomes thinner. Actively accreting low-mass stars in this stage are called classical T Tauri stars (CTTS -for a review see Günther 2013) . Their jets often only reach a few hundred AU (and are thus sometimes called "microjets" in comparison to the outflows from younger objects). It seems reasonable to suspect that the same physics governs the launching from any type of young star and that the same processes occur close to the launch site, but observationally the inner few tens of AU are only accessible in CTTS, where we can study the initial properties hguenther@cfa.harvard.edu before the jet interacts with the ambient medium.
Recently, there has been increasing evidence that jets from CTTS have a stationary, hot (in the MK range), X-ray emitting region only a few tens of AU from the central star (Section 1.2). In this article we want to establish recollimation boundary layers between the stellar wind and a disk wind as a viable scenario to explain stationary X-ray and UV emission from YSO jets. While X-ray emission has been discussed in the literature (Section 1.3), stationary shocks between a stellar wind and a recollimating disk wind have not been investigated in detail.
X-rays trace the fastest and most energetic components of YSO jets. They can also influence the chemistry deep in the disk (e.g. Henning et al. 2010; Glassgold et al. 2012 ) and thus alter the environment of planet formation because they penetrate deeper than UV and optical radiation. Unlike stellar X-ray emission, the radiation from the jet originates above the plane of the disk and thus reaches the entire disk surface, while stellar radiation may be shadowed by the inner disk rim.
In the remainder of the introduction we review observational properties (including X-ray emission) of jets from CTTS and summarize theoretical explanations for this emission in the literature. In section 2 we develop the equations that govern a standing shock front and discuss the physical parameters in section 3. In section 4 we present our results and discuss implications in section 5. We summarize this work in section 6.
Outflows from CTTS consist of several layers with different flow velocities, densities, temperatures, chemical compositions and different launching positions. Conceptually, these can be thought of as conical shells, stacked into each other like the layers of an onion (Bacciotti et al. 2000) . Observationally, it is not clear if there is a smooth transition between those layers or if they are separated by discontinuities.
The slowest velocities are observed in molecular lines with typical line shifts of only a few km s −1 (Beck et al. 2008) . These molecular outflows have wide opening angles around 90
• (e.g. Schneider et al. 2013a; Agra-Amboage et al. 2014) and are presumably launched from the disk. Faster components are seen in Hα or in optical forbidden emission lines such as [O I] or [S II]. Bacciotti et al. (2000) observed the jet from the CTTS DG Tau with seven long-slit exposures of HST /STIS to resolve the kinematic structure of the jet both along and perpendicular to the jet axis. They find that the inner, most collimated jet component moves fastest and surrounding layers have progressively lower velocities away from the jet axis. The fastest velocities seen in optical emission lines are typically 200-300 km s −1 (Bacciotti et al. 2004; Coffey et al. 2008; Schneider et al. 2013b) .
At some distance from the star, shock fronts, the so called Herbig-Haro (HH) objects, are observed when the jet runs into the ambient medium or when material emitted at higher velocities catches up with previously emitted slower material. Podio et al. (2006) studied emission line ratios in jets in the Orion and Vela star forming regions. In their sample the knots are typically a few hundred AU from the central star. They find electron densities around n e ≈ 50 − 300 cm −3 when looking at optical emission lines, slightly higher values for forbidden emission lines like [Fe II] and n e ≈ 5 × 10 5 − 5 × 10 6 cm −3
from Ca lines. The ionization fraction in HH objects is low, so the actual particle number density is one to two orders of magnitude higher. Hartigan et al. (2004) observed the CTTS HN Tau and resolved the jet at only 30 AU, much closer to the star. They find densities around n e = 10 6 − 10 7 cm −3 from [Fe II] lines. This shows that the inner layers of jets can have densities significantly above those of the interstellar medium.
1.2. X-ray emission from stellar jets In some jets there is evidence for another, hotter and faster component. X-rays were first seen in the jet HH 2 (Pravdo et al. 2001; Schneider et al. 2012) , where the central star is invisible. Later, X-ray emission was also discovered from less enbedded CTTS, RY Tau (Skinner & Güdel 2014) and, most notably, DG Tau. DG Tau is the best case to study X-ray emission from the jet close to the star for two reasons: (i) No other jet driving young stellar object has been observed as often in X-rays. DG Tau was the target of several shorter Chandra exposures in 2004, 2005, and 2006 and a large program in 2010 (Güdel et al. 2005 (Güdel et al. , 2008 (Güdel et al. , 2011 and has been observed with XMM-Newton in 2004 (Güdel et al. 2007 ) and in 2012 (Schneider in prep) . (ii) DG Tau itself is hidden behind a column density of N H = 2×10 22 cm −3 (Güdel et al. 2008) , which absorbs any soft X-ray emission from the central star. Hard, coronal emission pierces through the gas and allows us to pinpoint the stellar position to high accuracy, while the soft X-rays observed close to the stellar position must come from the jet. We can distinguish three different X-ray emitting regions in the DG Tau system: First, hard emission from the central star is observed with stellar flares as seen on many other young and active stars. Second, weak and soft emission from the jet is resolved several hundred AU from the star itself. Third, additional soft X-rays are emitted close to, but not from the star, because they are subject to a much smaller absorbing column density than the central, coronal source. The centroid of the spatial distribution of soft X-rays is consistent with a position on the jet axis 30-40 AU from the star (Schneider & Schmitt 2008; Güdel et al. 2011) in every epoch. Thus, the jet Xray emission appears stationary in contrast to the moving, lower temperature jet material. The temperature of this inner emission region is remarkably stable over one decade between 3 and 4 MK; the maximum change observed is about 25 %. The change in luminosity is 1.6 in the same time range (L X = 1 − 2 × 10 30 erg s −1 ) (Schneider in prep) .
There is no reason to believe that the DG Tau system represents exceptional physical conditions for jet launching. While the inclination and absorption are less favorable to observe X-ray emission very close to the star for most other CTTS systems, there are indications that HH 154 also shows an inner, stationary X-ray component and additional emission in the knots (Schneider et al. 2011; Bonito et al. 2011) and that the X-ray emission in the more massive Herbig Ae/Be star HD 163296 is extended in the direction of the jet by a few dozen AU, too (Swartz et al. 2005; Günther & Schmitt 2009; Günther et al. 2013) .
In we showed that the soft Xray emission close to DG Tau can be explained by shock heating of a jet component moving with 400-500 km s −1 . The mass flux in this component is less than 10 −3 of the total mass flux in the jet or even lower if the same material is reheated in several consecutive shocks. If the density in the fast outflow is > 10 5 cm −3 then the cooling length of this shock is only a few AU and it would be invisible in current optical and IR observations, since it would be surrounded and outshone by the more luminous emission from more massive, but slower jet components. However, the stationary nature of the X-ray emission was not addressed in that article. Other models for the highenergy emission for stellar jets are discussed in the next section.
1.3. Models for high-energy emission from stellar jets When Pravdo et al. (2001) discovered X-ray emission in HH 2, they immediately discussed strong shocks in the outflow as the most likely heating process and the most obvious way to generate a strong shock is a bow shock at the head of the outflow, where the jet encounters circumstellar material. Depending on the density contrast between the jet and the ambient material, either the forward shock that is driven into the ISM or the reverse shock that travels against the flow in the jet possesses higher shock velocities. However, in most YSO jets, we see the X-ray emission fairly close to the source, where the ISM has been cleared by outflow activity a long time ago. Bally et al. (2003) study the X-ray emission from L1551 IRS 5, a binary protostar. They suggest several classes of models. First, the observed X-rays might be stellar emission, that is scattered into our line-of-sight by circumstellar material. This requires high densities to reach the required scattering efficiency and the material must be neutral, otherwise it would show up as bright radio emission, which is not seen coincident with the X-ray detection in L1551 IRS 5 (Bally et al. 2003) . In DG Tau this scenario can be excluded because the lightcurve for the soft X-ray emission is flat, while coronal flares are seen in the hard-X-rays (Güdel et al. 2011) . If the soft X-rays were scattered stellar emission, they should display the same lightcurve.
Second, a time variable launching velocity would cause shocks to propagate along the jet, continuously heating the jet material they encounter (e.g. Bonito et al. 2010b,a) . This scenario is confirmed for an optical knot in the jet of HD 163296 , but the velocity differences are too small to heat the jet to X-ray emitting temperatures. Third, fast shocks form when the jet encounters an obstacle. In the absence of dense ISM this could be a collimation shock, the disk, or the outflow of another star. Jets are typically ejected roughly perpendicular to the disk (e.g. Fridlund et al. 2002, for IRS 5) , making an interaction with the disk surface unlikely. The interaction with the outflow of a second YSO on scales of a few hundred AU only works in binary systems, such as IRS 5, but X-rays are also detected from stars that are apparently single, such as DG Tau and RY Tau. A forth possibility is magnetic heating from the reconnection either between two interacting outflows (Murphy et al. 2008) or from fields that are frozen into the outflow (Schneider et al. 2013b) .
In this article, we will analytically explore how a recollimation shock can explain stationary X-ray emission from jets. Based on the observational evidence for multilayered jets, we assume that the innermost component of the flow is a stellar wind, which is collimated by the disk wind. Collimation shocks of this kind have not been treated in detail in the literature, while X-ray emission due to a moving shock has been studied by several authors (see, e.g. the analytical work and numerical simulations by Raga et al. 2002; Bonito et al. 2007) . Bonito et al. (2010b) presented simulations with a time variable launching speed, where blobs of material are emitted into the jet every few months or years. Their jet has a radial velocity profile that avoids the growth of random perturbations at the jet boundary and that is compatible with the expected magnetic fields in the environment of young stars. In these simulations faster material catches up with slower, previously emitted matter and shocks form that travel along the jet. Since material is launched almost continuously, the first interaction often takes place fairly close to the star and the simulations show an X-ray emission region only about 100 AU from the star, which fluctuates in luminosity but is present at all times. This region represents only a small fraction of the total simulated X-ray emission from the jet (Bonito et al. 2010a) . Bonito et al. (2011) numerically simulated stationary X-ray shocks. To do so, they impose a rigid nozzle with a radius between 15 and 200 AU and inject a flow of plasma with an intially flat velocity and density profile along the jet axis. The region that accelerates the mass at the bottom of the nozzle is not part of the model, but given the large radius, both disk wind and stellar wind might contribute in such a scenario. Bonito et al. (2011) find that a denser layer forms on the walls of the nozzle and that this perturbation travels inward. When this feature reaches the axis of symmetry a diamond-shaped shock forms at a height of 200-300 AU for a nozzle with a radius of 100 AU with temperatures high enough to explain the X-ray emission from HH 154. This model has not been applied to DG Tau, but might provide a viable explanation for the emission in DG Tau, too, if the shape and size of the nozzle is tuned properly.
In contrast to that work, we do not impose rigid boundaries that collimate the flow, but instead prescribe an external pressure profile and then calculate the position of the boundary between the inner wind and the external medium. The setup of Bonito et al. (2011) is well-suited to study regions at a distance of 200-300 AU from the star, but in this article we concentrate on the inner region, where the outflow is not yet parallel to the jet axis and stellar and disk outflows have different velocities. Thus, we start with a spherical flow from the stellar surface and explain how a shock can be caused by the recollimation of the stellar outflow due to pressure from the outer disk winds. Kohler et al. (2012) developed a model for this geometry in the context of relativistic jets. Here we apply this model to stellar jets.
THE MODEL
In this section we develop an analytical steady-state model for the interface between the stellar wind and the surrounding disk wind. The pressure of the disk wind collimates the stellar wind into a jet (see figure 1 for a sketch). The two flows are separated by a contact discontinuity, whose exact position is given by pressure equilibrium between the outer, disk wind component and the inner, stellar wind component. As the stellar wind encounters the contact discontinuity, the velocity component perpendicular to the discontinuity is shocked. Thus, our model needs to distinguish three zones: (i) the cold preshock stellar wind, (ii) the hot post-shock stellar wind, and (iii) the disk wind. Our goal is to calculate the geometrical shape of the stellar wind shock, since this determines the velocity jump across the shock front and the temperature of the post-shock plasma.
2.1. The shape of the shock front The Rankine-Hugoniot jump conditions relate the mass density ρ, velocity v, and pressure P on both sides of a shock. For ideal gases and non-oblique shocks the conservation of mass, momentum and energy across the shock can be written as follows (Zel'dovich & Raizer 1967, chap. 7) , where the state before the shock front is marked by the index 0, that behind the shock by index 1:
(1)
We assume that the stellar wind before the shock front is relatively cool (this assumption is justified in Section 2.2.2) and thus the thermodynamic pressure can be neglected, setting P 0 = 0. The shock front settles at a position where the pressure of the stellar wind equals the post-shock pressure, which in turn determines the position of the contact discontinuity, such that the postshock pressure equals the confining external pressure of the disk wind P (z) .
In our case we are dealing with an oblique shock (Figure 1) . Equations 1 to 3 stay valid if only the velocity component perpendicular to the shock front is taken as v 0 .
We use a cylindrical coordinate system (z, ω, θ) with an origin at the central star. We place the z-axis along the jet outflow direction and assume rotational symmetry around the jet axis. Thus, the flow can effectively be written in (z, ω). The symbol r denotes the spherical radius, i.e. the distance of any point to the star at the origin of the coordinate system. In this article we adapt the model of Kohler et al. (2012) to non-relativistic speeds. Figure 1 in their publication shows the geometry of this model in much detail and we refer to their discussion and their figure 1 for a more detailed description. Although the basic model is the same, we chose to include a similar figure (our Fig. 1 ) in this work for the benefit of readers who are not familiar with the work of Kohler et al. (2012) on extra-galactic jets.
We treat the disk wind as an outer boundary condition with a given pressure profile and concentrate on the description of the stellar wind. To simplify the equations we adopt Kompaneets' approximation (Kompaneets 1960) which states that there is no axial pressure gradient so that the pressure profile of the disk wind extends through all layers of the outflow:
With this we can write: -Geometry in the (z, ω) plane. The z-axis is oriented along the jet, the ω-axis in the plane of the circumstellar accretion disk. The innermost outflow layer is the unshocked stellar wind. The shock front is located at R shock (z). The next layer is the hot, post-shock stellar wind, which is separated from the disk wind by the contact discontinuity at R contdisc (z). The same model is employed in the paper by Kohler et al. (2012) and we refer to that publication for a more detailed figure depicting this model.
To derive the position of the shock front in the (z, ω) plane where the pre-shock ram pressure of the stellar wind and the post-shock pressure equal the external pressure P (z), we need to calculate the pre-shock density ρ 0 and the pre-shock velocity perpendicular to the shock front v 0 .
We assume a spherically symmetric stellar wind that is accelerated to its final velocity v ∞ within a few stellar radii before any interaction takes place. For a given mass loss rateṀ , the wind density at any distance r from the central star is Figure 1 shows that v 0 depends on the position of the shock:
with
Again, Figure 1 shows
and the angle α is given by the derivative of the position of the shock front:
This gives:
Inserting equation 6 and 7 into eqn. 5, we arrive at:
Inserting eqn. 11 this gives an ordinary differential equation (ODE), that describes the shape of the shock front:
where R 0 (z) is the maximal cylindrical radius of the shock front. The solution to the ODE determines the location of the shock front. This allows us to calculate the preshock velocity perpendicular to the shock front using eqn. 7 and the post-shock temperature T post−shock . From eqn. 3 with negligible pre-shock pressure (this assumption is justified in Section 2.2.2) and v 0 = 4 v 1 for a strong shock (the assumption for a strong shock is justified in Section 2.2.2) we derive:
where m H denotes the mass of the hydrogen atom, k the Boltzmann constant and µ = 0.7 the mean particle mass for a highly ionized plasma. For general P (z) the ODE needs to be solved numerically 1 . This is done in an IPython notebook (Pérez & Granger 2007) .
All code is available at https://github.com/hamogu/RecollimationXrayCTTS/.
Justification of model assumptions
In this section we explain the assumptions made in the derivation of the equations above.
Sound speed
Observations of jets and winds from CTTS indicate that typical temperatures are a few thousand K (except in shocked regions) and typical densities are in the range 10 4 − 10 6 cm −3 in the optically visible component (e.g. Lavalley-Fouquet et al. 2000; Kwan et al. 2007 ). This might not be the same outflow component that our model describes, but it is the best observational estimate. With those numbers the sound speed c s is
which is low enough that a strong shock forms even for small ψ.
Initial wind temperature
In Section 2 we assume an initially cold stellar wind where the thermal pressure before the shock can be ignored. This is motivated by two arguments: (i) Matt & Pudritz (2007) show that hot stellar winds will cool quickly and cause X-ray emission much brighter than observed if they have a mass loss rate above 10 −11 M ⊙ yr −1 . Thus, only stellar winds that are launched cold can provide the required mass loss rates well above this value (see Section 3.2). (ii) The solar wind has 1 MK. It is unclear which physical process heats it to this temperature, but it is probably related to magnetic waves. In CTTS the wind mass loss rate is much higher than in the Sun, and it seems likely winds from CTTS are cooler than the solar wind, even if they are heated by the same process.
The approximation to neglect the initial wind temperature is valid to a few 10 5 K for the densities and wind speeds considered here. Hotter winds cannot be described in our model, because their sound speed is so large that no strong shock develops for small angles ψ.
Magnetic fields
Our model does not describe magnetic fields. Two different regions need to be distinguished where magnetic fields can play a role. First, a magnetic field can provide additional pressure in the disk wind and thus contribute to the external pressure P (z). Indeed, the region covered by our model is expected to be inside the Alvèn surface of the disk wind, so P (z) is probably magnetically dominated (further discussion and references in Section 3.1), but for our model only the total value of P (z) matters, 
The errors represent statistical uncertainties from the χ 2 fit. Systematic uncertainties are discussed in the text. b fixed during fit independent of the processes that contribute to the pressure. Second, the stellar wind could be threaded by a stellar magnetic field. Fields on YSOs are often quite complex with a mixture of open and closed field lines (e.g. Donati et al. 2011 Donati et al. , 2012 . Qualitatively, closed field lines can either fill with coronal plasma or connect to the accretion disk and carry accretion funnels. Only those parts of the stellar surface connected to open field lines can launch a wind. Thus, the total mass loss rate would be reduced compared to a spherical wind. As a simple estimate we calculate the magnetic pressure
for a split monopole field with a field strength of 1 kG at r = R ⊙ and compare it to the ram presure (eqn. 5). Using the fiducial parameters from Table 1 the ram presure dominates over the magnetic pressure already at 0.1 AU and since P mag ∝ B 2 ∝ r −4 , while P ram ∝ r −2 (eqn. 5 and 6) we can neglect the magnetic pressure of the stellar wind for our model which predicts typical radial distances on the AU scale.
CONSTRAINTS ON PARAMETERS
In this section we discuss observational and theoretical constraints on boundary conditions and input values for the model, most notably P (z),Ṁ , v ∞ , and ω(z = 0). Table 1 shows the values we adopt as most likely in the following discussion (fiducial model). We vary the parameters individually to show how each of them affects the solution of the ODE.
Disk winds as boundary conditions for stellar winds
Different models exist to explain wind launching from the stellar surface (Kwan & Tademaru 1988; Matt & Pudritz 2005) , the X-point close to the inner disk edge (Shu et al. 1994 ) and magneto-centrifugal launching from the disk (Blandford & Payne 1982; Anderson et al. 2005) . It is likely that more than one mechanism contributes to the total outflow from the system. In this case, we expect a contact discontinuity between the different components whose position is determined by the pressure on both sides. Specifically, hydromagnetic disk winds have a tendency to collimate and possibly even to recollimate to smaller flow radii under certain conditions (Blandford & Payne 1982; Pelletier & Pudritz 1992) . Numerically, the magneto-centrifugally accelerated disk wind is probably the best explored component. Magneto-hydrodynamic (MHD) simulations of the disk wind have been performed in 2D (e.g. Anderson et al. 2005) Anderson et al. 2006 ), but typically do not resolve the stellar wind. However, they show that the disk wind is collimated close to the axis and that the densities are largest in this region. Furthermore, the Alfvén surface (which separates the magnetically dominated region from the flow-dominated region) is located at many AUs for the inner layers of the jet. This is in contrast with the outer, less collimated layers of the wind, which leave the magnetically dominated region at a few AUs. Matsakos et al. (2009) present analytical and numerical solutions for several scenarios that mix an inner stellar wind and an outer disk wind (this model has been extended in Matsakos et al. 2012; Teşileanu et al. 2014) . In contrast to our approach, they impose a smooth transition between stellar wind and disk wind and they start their simulation at z = 50 AU instead of at the star. With some time variability in the wind launching their models produce knot features in the jet. In the context of our analysis, we note that the pressure in their models is magnetically dominated and that Kompaneet's approximation does not hold in the disk wind, but that the presure gradient is small on scales of a few AU. The pressure at the jet axis is high in the plane of the disk and drops by one to two orders of magnitude until it reaches a plateau (P ∞ ). Below we use an exponential P (z) = P ∞ + P 0 exp − z h to mimic this profile. Similar profiles for the inner density and pressure are seen in simulations by other groups (e.g. Anderson et al. 2005 Anderson et al. , 2006 Matt & Pudritz 2008) . Figure 2 shows how different pressure profiles influence the shock position. Larger pressures force the shock front onto the symmetry axes for smaller z (top row). The solutions shown in the bottom row of the figure are for the same pressure scale heights h as those in the upper row, but here we use smaller P 0 for scenarios with large h, so that the shock front reaches the jet axis at approximately the same z. Close to the disk plane the pre-shock speeds differ significantly, but at large z they reach very similar values. The scenarios with smaller P 0 reach larger radii and the slightly different shape of the shock front leads to more plasma at high temperatures.
Mass-loss rates
The measured mass loss rates in the outflows from CTTS vary widely between objects. Even for a single object, very different mass loss rates can be found, depending on the spectral tracers chosen and on the assumptions used to calculate mass loss rates from line fluxes. The filling factor that describes the fraction of the observed volume occupied by hot gas is especially uncertain because the innermost jet component is generally not resolved.
Typical mass loss rates found in the literature for CTTS outflows are in the range 10 −10 − 10 −6 M ⊙ yr −1 (Bacciotti & Eislöffel 1999; Podio et al. 2006) . Edwards et al. (2006) measure values down to 10 −10 M ⊙ yr −1 for some CTTS, but only upper limits for weak-line T Tauri stars (WTTS). In the specific case of DG Tau Lavalley et al. (1997) Those measurements for the optical jet are probably dominated by the disk wind (e.g. White et al. 2014) and unlikely to track the stellar mass loss correctly. show that a mass loss below 10 −10 M ⊙ yr −1 is sufficient to explain the X-ray emission from the jet as shock heating. We use 10 −8 M ⊙ yr −1 as fiducial stellar mass loss in the remainder of the article. This is only a fraction to the total mass loss of the system because the disk wind, though slower, operates over a much larger area and dominates the system's mass loss. Figure 3 shows how a larger mass loss rate and therefore a higher density and ram pressure in the stellar wind pushes the shock front out to larger radii. The different shape of the shock front also influences the post-shock temperatures. In the high mass loss rate scenario (blue dash-dotted line) the shock front reaches its maximum radius at a height of 60 AU and most of the spherically symmetric wind passes the shock front at shallow angles, so this scenario has the highest fraction of low temperature material.
Wind speed
The launching mechanism of the stellar wind in CTTS is uncertain. Matt & Pudritz (2007) show that stellar winds from CTTS cannot have a total mass loss above 10 −11 M ⊙ yr −1 if they are launched hot. Thus, the winds of CTTS are probably more complex than just a scaled up version of the solar wind. Still, launching velocities similar to the solar wind seem to be a reasonable estimate for v ∞ . A velocity of a few hundred km s −1 is compatible with the fastest speeds observed from optical line shifts in jets (see references in Section 1.1). It also matches the depth of the gravitational potential, and while the launching mechanism is unknown, it is likely powered by energy released in the accretion process (Kwan & Tademaru 1988; Matt & Pudritz 2005) .
The solar wind consists of a slow wind with a typical velocity of 400 km s −1 and a fast wind around 750 km s −1 (Feldman et al. 2005) . The relative contribution and the launching position of the two types changes over the solar cycle, but the slow wind often emerges from regions near the solar equator and the fast wind is generally associated with coronal holes (Guhathakurta et al. 1999; Bzowski et al. 2003; Cranmer 2009 ). Despite these differences, the total energy flux in the solar wind is almost independent of the latitude, because the slower wind is denser than the faster wind (Le Chat et al. 2012 ). We set v ∞ = 600 km s −1 as the fiducial outflow velocity and we assume that the wind is accelerated close to the star and has reached v ∞ before it interacts with the shock front. We use a spherically symmetric stellar wind with a constant velocity. For a solar-type wind this works well for deriving the shape of the shock front because eqn. 14 depends only on the total energy flux ρv 2 ∞ ∝Ṁ v ∞ and not the velocity itself. Figure 4 shows how a large v ∞ and a correspondingly large ram pressure push the shock front higher above the disk plane, similar to outflows with a largerṀ . Additionally, v ∞ is the most important parameter that controls the post-shock temperatures. The figure shows that high shock speeds and thus high post-shock temperatures are reached close to the disk plane. Because this region covers a large solid angle, it is an important contributor In the top row the scale height h varies while all other parameters are fixed; the bottom row uses the same values for h, but also scales P 0 ∝ h −1.5 . leftmost panel : Profile of the external pressure P (z). middle left panel : Position of the shock front. Note that the two axes in this panel use the same scale. The unshocked stellar wind region is much longer in z direction (height above the disk) than it is wide. middle right panel : Pre-shock velocity v 0 measured perperdicular to the shock front. rightmost panel : Distribution of post-shock temperatures, weighted by spherically integrated mass flux. This distribution is dominated by the temperature (which in turn is set by v 0 ) at small values of z, since the shock surface is close to the central object and covers a large solid angle of the stellar wind and therefore a large fraction of the total mass flux. Note that the histograms show the temperature directly behind the shock front and does not account for the fact that all plasma will eventually cool and contribute emission at cooler temperatures; a simulation of the thermodynamics of the cooling plasma is beyond the scope of this article. to the total temperature distribution of the post-shock plasma (rightmost panel). However, the temperature in this region is probably overestimated by our model because the wind may not have reached v ∞ this close to the star or the wind may not be spherically symmetric. A lower wind velocity and higher density at the equator similar to the solar low-velocity wind would lead to lower post-shock temperatures with a higher emission measure close to the disk plane.
Starting point of integration
From a mathematical point of view, the starting point of the integration in the plane of the disk can be chosen freely anywhere between ω = 0 and ω = R 0 (z = 0). Figure 5 compares different starting points under otherwise equal conditions. For small initial radii the ram pressure of the stellar wind pushes the shock surface out in a small ∆z. This leads to small pre-shock speeds in this region because the direction of the flow and the shock surface are almost parallel. This region also represents a large fraction of the total mass loss of the stellar wind, because it covers a large solid angle. Consequently, models with small values of ω 0 heat less material to high temperatures.
Physically, the position of the shock front is restricted by the position of the disk -the shock between the stellar wind and the disk material (in the disk itself or the disk wind) must occur within the inner hole of the disk. Figure 5 shows that the two solutions for ω 0 = 0.01 AU and 0.1 AU are almost indistinguishable and the exact value for this parameter is not important as long as ω < 0.5 AU. We use ω 0 = 0.01 AU as the fiducial starting point for the integration.
RESULTS

Uncertainties
All input parameters discussed above can take a range of values. We argue that the starting point of the integration has to be within the inner disk and the exact value has only a small influence on the result. The wind velocity is closely related to the temperature of the observed plasma, the mass loss rate to the size of the region and the luminosity.
The biggest uncertainty is the value of the external pressure. As discussed above, different simulations in the literature predict similar pressure profiles, but the normalization of the pressure depends to a large degree on the disk magnetic field, which is only poorly constrained. In our calculation, we have scaled the pressure such that the post-shock densities are compatible with observations of the jet.
Size of stellar wind zone
For all parameters consistent with the theoretical and observational constraints the stellar wind is enclosed in a finite region by a shock front. This shock front generally reaches a maximum cylindrical radius of a few AUs, and a much larger height above the accretion disk for external pressure profiles with high pressure in the plane of the disk and a large pressure gradient (fiducial model in Fig. 6) . A shallower pressure profile leads to a stellar wind region that is wider.
X-ray luminosities
The post-shock plasma is less dense than the typical stellar corona and can thus be treated in the so-called coronal approximation, meaning that the plasma is optically thin and line ratios for prominent X-ray lines are in the low-density limit. We use the shock models of Günther et al. (2007) to predict the fraction of the total pre-shock kinetic energy that will be emitted in the X-ray range. We refer to that publication for details on the shock models. In summary, the models simulate radiative cooling of optically thin plasma in a two-fluid approximation, where electrons and ions are described with a Maxwellian velocity distribution, each with a different temperature. The ionization and recombination rates are calculated explicitly, but it turns out that the inonization state differs from the ionization equilibrium only in a small fraction of the post-shock cooling zone, even for densities as low as 10 5 cm −3 . Günther (2011) published a grid of X-ray spectra 2 based on these models with pre-shock velocities between 300 and 1000 km s −1 in increments of 100 km s −1 . We integrate all emission between 0.3 and 3 keV for each spectrum. At 300 km s −1 only 2% of the available energy is emitted between 0.3 and 3 keV (Figure 7 ), so we set the fraction to zero for pre-shock velocities of 0, 100 and 200 km s −1 , which are not covered by the model grid. The fraction of energy emitted in X-rays is independent of the density except for a few density-sensitive emission lines with negligible contribution to the integrated flux. The physical size of the post-shock region depends strongly on the density, but total energy available only depends on the pre-shock velocity and the total mass flux. Thus, the X-ray luminosity L X does not change, if the post-shock region is compressed by some external pressure.
The highest post-shock temperatures are generally reached at the base of the jet when the stellar wind encounters the inner disk rim or at large z when the shock front intersects the jet axis. In our fiducial model (Fig. 6 , solid red line), the pre-shock velocity is > 250 km s −1 at z < 5 AU and z > 20 AU. Given the large solid angle covered by the inner disk rim, the z < 5 AU region contributes significantly to the total mass flux (compare the red line and the red filled histogram in Figure 6 , rightmost panel). However, in most YSOs the central object is highly absorbed. Therefore, we calculate all L X values taking into account only regions with z > 5 AU. For the fiducial, the high v ∞ , the lowṀ , and the shallow P model in Figure 6 the predicted L X is 3 · 10 29 , 5 · 10 30 , 1 · 10 28 , and 1 · 10 31 erg s −1 , respectively. already showed that in DG Tau a small fraction, about 10 −3 , of the total mass loss rate in the outflow is enough to power the observed X-ray emission at the base of the jet. In our fiducial model, this small fraction corresponds to the mass flow close to the jet axis, where the pre-shock velocities are highest.
4.4. The size of the post-shock zone Figure 8 shows the pre-shock number densities n 0 for the four models from Fig. 6 . A detailed treatment of the post-shock region is beyond the scope of this paper, but an estimate for the post-shock cooling length d cool can be derived according to Raga et al. (2002) :
. (17) The derivation for this formula assumes a cylindrical cooling flow. In contrast, in our model the external pressure can change with z and might compress the postshock gas or allow it to expand radially. Since denser gas emits more radiation and thus cools faster, d cool is only an estimate. However, for our models P (z) has already reached P ∞ at the position of the shock and thus eqn. 17 is valid. With this in mind, figure 8 (right panel) indicates that the cooling lengths for our fiducial model is consistent with the X-ray observations that do not resolve the wind shock (Schneider & Schmitt 2008) .
Fit to DG Tau data
In this section we perform a formal fit of our model to the Chandra data of DG Tau. Given the limitations of the model, there are some systematic uncertainties in the fitted values. Nevertheless the model reproduces the observations with parameters that are in line with the observational limits discussed above and thus shows that our model is consistent with the data.
We download and extract the following Chandra observations from the archive: ObsIDs 4487, 6409, 7246, and 7247. These datasets have been used and are described in Güdel et al. (2008) , Schneider & Schmitt (2008) , and Günther et al. (2009) and we refer the reader to those publications for more details. We processed the data with CIAO 4.6 (Fruscione et al. 2006) , extracting the CCD spectrum from DG Tau and a larger, source-free background region on the same chip with the specextract script. Güdel et al. (2008) showed that the spectral properties of the soft X-ray component are compatible within the errors in all four observations and Schneider & Schmitt (2008) demonstrate that the offsets measured between the soft and the hard component is compatible as well. Because the number of counts in the soft component is low and we are not interested in the rapid changes seen in the hard emission attributed to the stellar corona (Güdel et al. 2008) we combine all four source spectra. We bin them to 25 counts per bin and subtract the background. We fit a model with two thermal optically thin plasma emission components (APEC, Foster et al. 2012 ) each with its own cold absorber analogous to Güdel et al. (2008) . We then replace the cooler APEC component by our recollimation shock model. Since the numerical evaluation of this model is slow, we fix the properties of the hot, stellar component at the values obtained in the previous fit to reduce the number of free parameters. To further reduce the number of parameters, we set P 0 = 100 × P ∞ and h = 5 AU. For each set of parameters, our model is evaluated as follows: We solve the ODE in eqn. 13 numerically and calculate mass flux and pre-shock velocity for each numerical step. To take the high absorbing column density to DG Tau itself into account we discard all steps with z < 5 AU. We bin the remaining mass flux according to the pre-shock velocity in bins of 250-350, 350-450, . .., 950-1050 km s −1 . For each bin we select the appropriate post-shock cooling spectrum from the model grid discussed in Section 4.3 and scale it with the mass flux and an assumed distance to DG Tau of 140 pc (Kenyon et al. 1994) . We use the Sherpa fitting tool (Freeman et al. 2001 ) to adjustṀ , P 0 , v ∞ , and the absorbing column density N H along the line-of-sight to the shock to simultaneously reproduce the observed X-ray spectrum and the position of the shock. Schneider & Schmitt (2008) and Güdel et al. (2011) give distances of 25-45 AU between DG Tau and the soft X-ray emission, but do not calculate formal errors for the position. For the purpose of a χ 2 fit we compare the position where the shock front intersects the jet axis to the value z max = 30 ± 5 AU.
The best-fit parameters for the shock model are given in table 1, N H = (4.7 ± 0.3) · 10 21 cm −2 for the shock, and the parameters of the hot coronal component are N H = 2.6 × 10 22 cm −2 , plasma temperature kT = 2.2 keV, and volume emission measure V EM = 5 × 10 52 cm −5 . The best-fit has z max = 30.4 AU and χ 2 red = 1.1. The fitted spectrum is shown in Figure 9 where the black dots with error bars represent the data, the red line shows the full model, and the orange lines show the individual model components. The shock and coronal component dominates at low and high energies respectively.
DISCUSSION
We show that stellar wind and disk wind can interact in a CTTS system. The magnetic and thermodynamic pressure of the disk wind can confine the stellar wind into a narrow, jet-like region, bound by an elongated shock surface. For reasonable parameters ofṀ , v ∞ , ω 0 and P (z) the shock surface encloses a region a few AU wide and tens of AU along the jet axis, but our model makes no statement about emission that originates further out in the jet such as Herbig-Haro knots. Only a fraction of the kinetic energy of the stellar wind is converted into heat in the recollimation shock and the remaining velocity can still be sufficient to heat the jet material again when it encounters another obstacle, such as the ISM.
Most of the imaging of YSO winds traces molecular lines and low-ionization stages, e.g. O I or Fe II. These lines are formed in low-temperature regions, but not in a hot post-shock plasma. Thus, one could expect to see a hole that is filled by hot post-shock plasma from the stellar wind. However, no such hole is resolved in any CTTS imaging. Our calculations show that the shock surface is so small that it cannot be resolved with current instrumentation 3 and therefore cannot be seen directly as a cavity in the disk wind. A small fraction of the stellar wind is shocked to X-ray emitting temperatures > 1 MK and provides a stationary X-ray source consistent with observations. We show that such a shock naturally arises in a scenario where the stellar wind feeds the innermost layer of the jet because it is confined by external pressure. Furthermore, Schneider et al. (2013b) observed C iv emission in DG Tau that is formed at cooler temperatures than those required for X-ray emission. In recent observations in the IR White et al. (2014) also identified a stationary emission region on the jet axis Fraction of kinetic energy radiated in X-rays Fig. 7. -Fraction of the kinetic energy of a shock that is radiated between 0.3 and 3.0 keV according to the shock models of Günther et al. (2007) . A small dependence on the pre-shock density is ignored. about 40 AU from the central star. They interpret the Xrays, C iv, and their own [ Fe ii] data all as a signature of the same shocked jet, while Schneider et al. (2013b) point out that the C iv luminosity is too large to be powered by just the cooling X-ray plasma. Looking at the post-shock temperature distribution in Fig. 6 , our model can naturally explain multiple temperature components in the stellar wind.
However, more detailed numerical simulations of the post-shock cooling zone and the shape of the contact discontinuity between the disk wind and the post-shock stellar wind are required to check whether the physical extent of the cooling region behind the shock front and the position of the peak C iv emission can be matched to the observations. In any case, Figure 9 shows that the model can explain the observed X-ray spectra. The best-fit values obtained for DG Tau have a significantly higher velocity and lower mass loss rate than the fiducial model. The parameters for the fiducial model are chosen to match the flow velocities and mass loss rates that are observed in jets. Yet, the higher velocity and lower mass loss rate do not directly contradict those observations, because the preshock stellar wind extends only over a small area, so that it presumably contributes little to the luminosity in the optical emission lines compared to the inner disk wind. Consequently, the high velocity in the stellar wind is not directly observable. We also note that in the fit we varied only the normalization of the external pressure, but not the spatial profile. Different profiles lead to different shock-front shapes and shock velocities and thus require an adjustment of v ∞ andṀ to fit the X-ray data. However, the pressure profile caused by the disk wind and disk magnetic field is not very well constrained. Thus, the accuracy of the fitted numbers is not so much limited by the statistical uncertainty given in table 1, but by the systematics of the model. The best-fit values should not be taken at face value, but they demonstrate that a recollimation shock is one possible explanation for the observed X-ray emission.
The idea of a recollimation shock is not new. Gomez de Castro & Pudritz (1993) discussed a similar idea as we do here, where they aim to explain the forbidden optical emission lines seen from CTTS with a shock due to the recollimation of the jet outflow. In contrast to our model, they attribute it to the shocked disk wind, not the stellar wind. However, a shocked disk wind cannot supply the high shock velocities to explain the resolved X-ray and C IV emission that we now see. Our model, a shocked stellar wind, is collimated because it is embedded into a strong disk wind. We expect that the low-temperature emission from the stellar wind is small compared to the low-temperature emission from the surrounding disk wind. Only for high temperatures (X-ray and FUV emission), the stellar wind will dominate because it is much faster.
We now compare our work to the simulations of Bonito et al. (2010b,a) which use smooth velocity and density profiles for the jet with radii between 8 and 200 AU -larger than almost all simulations shown in this article. Bonito et al. (2010a) find X-ray emission of varying luminosity around 100 AU from the central source in their simulations for the HH 154 jet and potentially different jet parameters can cause this feature to appear closer to the star. However, this emission is much weaker than the X-ray emission at larger scales in contrast to the situation in DG Tau. Further simulations are required to test if realistic launching conditions can also make a quasi-stationary X-ray shock that outshines the knots at larger distances. Another possibility that can be tested in future simulations is that our picture of a wind-wind interaction can be combined with a time variable launching speed. At distances of only a few AU the stellar wind and the disk wind would interact and cause a stationary collimation shock as explained in this article. After passing through the shock, the stellar wind and the outer disk wind might mix, so that the jet could appear more homogeneous at larger distances. If the intital launching velocity is time variable, not only will the properties of the recollimation shock change, but the velocity of the combined outflow would also vary and could thus cause moving shock fronts further out in the jet as in the simulations of Bonito et al. (2010b,a) . Bonito et al. (2011) find a diamond-shaped shock and again it is possible that slightly different jet parameters can cause this feature to appear closer to the star as seen in DG Tau. Matsakos et al. (2009 Matsakos et al. ( , 2012 ) also perform numerical simulations of a jet confined by a disk wind. Their simulations again deal with larger distances from the central star and they concentrate on knots in the jet. Yet, their bubbles of shock heated gas have very similar shapes compared with our results in Figure 6 . This indicates that this form is robust.
Does the scenario of a stellar wind recollimation shock as X-ray source also apply to other CTTS or is it specific to DG Tau? While there is no reason to believe that the wind launching in DG Tau is unique, it certainly presents us with a special viewing geometry, where the star itself is heavily absorbed, but the jet shock at 30 AU is visible. At the same time, the first knot in the jet that shows X-ray emission is located at 700 AU and thus can be clearly separated from the inner, presumably stationary emission. Schneider et al. (2011) analyze three epochs of X-ray emission from HH 154 and see an inner stationary component and a variable component at slightly larger radii (see also Bonito et al. 2011) . However, there is no gap between both components and the small number of photons makes it difficult to quantify variability and proper motion. Also, the emission from HH 154 is more energetic and would require much larger wind velocities if it is due to a stellar wind recollimation shock. In other young stars with resolved X-ray emission, the central star is either visible and outshines any potential recollimation shock (e.g. HD 163296 (Swartz et al. 2005; Günther et al. 2013) or RY Tau (Skinner & Güdel 2014)) or embedded so deep into the cloud that a wind shock at a few tens of AU would be completely absorbed (e.g. HH80/81 Pravdo et al. 2004 ). Thus, we cannot decide this question observationally, but it seems reasonable to assume that the same processes that lead to a recollimation shock in the stellar wind in DG Tau, should also operate in other CTTS, even if less favourable conditions make it harder to observe in X-rays.
SUMMARY AND CONCLUSION
A fast stellar wind that is confined by an external pressure from the disk wind will form a stationary collimation shock (Kohler et al. 2012) . We derive the geometrical shape and other properties of this shock front using parameters appropriate for young stars and find that it encloses a roughly egg-shaped volume for all combinations of parameters discussed in this article. This model provides a viable explanation of the soft X-ray and FUV emission observed at the base of young stellar jets and thus presents an alternative to other models on the same topic in the literature (see discussion in Section 1.3). Specifically for DG Tau, we fit the parameters of the stellar wind to the observed X-ray spectrum and the observed distance between star and X-ray emission. We expect recollimation shocks to be present in other jets, but only in the case of DG Tau it is possible to test this observationally.
This analysis shows that collimation shocks in a stellar wind are one possible model to explain stationary X-ray emission in the jets of CTTS, but we cannot claim that recollimation shocks of stellar winds are the only possible explanation until all competing scenarios are analyzed to the same level of detail to be ruled out or confirmed. We stress that our scenario makes no statement about the X-ray emission observed beyond the initial recollimation shock.
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